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Turbulent Heating of the Corona and Solar Wind
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•
•

Waves, launched by the Sun, transport energy outwards

•

Small-scale fluctuations dissipate, heating the corona and
launching the solar wind

The waves become turbulent, which causes fluctuation energy
to cascade from large scales to small scales

Empirically Determined Heating Rates

•

Taking velocity moments of the gyro-averaged Vlasov
equation leads to the steady-state equations
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heating rates. The timescale ⌧c for proton heat flux to change the temperature
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for expansion to cool the plasma is ⌧exp ⇠ r/U . When the outflow is supersonic,
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can be determined directly from the radial profiles of T?p , Tkp , n, and B.

•

(T⏊ measures the speed of thermal motions perpendicular to B, and T||
measures the speed of thermal motions parallel to B.)
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heating rates. The timescale ⌧c for proton heat flux to change the temperature
at radius r is & r/vth , where vth,p is the proton thermal speed. The timescale
for expansion to cool the plasma is ⌧exp ⇠ r/U . When the outflow is supersonic,
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⌧exp and thermal conduction can be neglected. In this case, Q?p and Qkp
can be determined directly from the radial profiles of T?p , Tkp , n, and B.

•

What do the observed temperature profiles tell us about the parallel and
perpendicular proton heating rates in the corona and solar wind?

Perpendicular Ion Heating in Coronal Holes

(Esser et al 1999)

•

These are perpendicular temperatures inferred from line widths
observed at the Sun’s limb. There is strong perpendicular heating of
protons and minor ions in the solar corona.

Perpendicular Proton Heating in the Solar Wind
MARSCH ET AL.: SOLAR WIND
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•

Parallel Proton Cooling in the Solar Wind
(Hellinger et al 2013)

Empircal parallel and perpendicular heating rates based on the observed

Electron Heating in
the Solar Wind
(a)

•

(b)

Although electrons are
heated by thermal
conduction, some
additional heating
appears to be
necessary in order to
explain the observed
electron temperature
profile in the solar
wind.

ure 4. Same as Figure 3,(from
but with
other parameters
Cranmer
et al 2009. varied. (a) A series of
els with anomalously strong Coulomb collisions, with a range of constant
θ = co-latitude.)
tipliers f to the classical collision frequency (see labels). (b) Models
puted over a range of colatitudes θ in the heliosphere, which affects the
ker spiral angle Φ (see Equation (10)). The standard model with wind speed
700 km s−1 is shown in both panels (thick red line).

The Sun launches waves, which become turbulent. What do
we want turbulent heating to explain?
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•
•
•

Protons and other ions undergo strong perpendicular heating
Protons undergo parallel cooling at r<0.6 AU.
Electrons are also heated, but less strongly than protons
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The Importance of the Inertial Range for
Understanding the Dissipation of Turbulence
•

Different plasma modes cascade in different ways. Some
cascade to small perpendicular wavelengths, some
cascade to small parallel wavelengths, and some
cascade quasi-isotropically.

•

The mode content and inertial-range energy cascade
control the types of fluctuations that are dissipated at
small scales.

•

Before jumping into a discussion of dissipation
mechanisms, let’s look at which modes are launched by
the Sun and how they cascade to small scales.

•

Since waves are launched at very large scales, let’s
begin this discussion in the MHD approximation.

Ideal, Adiabatic MHD

⇥

⇤⇥
+ ⌅ · (⇥v) = 0
⇤t
⇥
⇥
2
⇤v
B
1
+ v · ⌅v = ⌅ p +
+
B · ⌅B
⇤t
8
4
p
= constant
⇥
⇤B
= ⌅ ⇤ (v ⇤ B)
⇤t

•

Magnetic forces: magnetic pressure and magnetic tension

•

Frozen-in Law: magnetic field lines are like threads that are frozen to
the plasma and advected by the plasma

Waves: small-amplitude oscillations
about some equilibrium
~v =

~v0 cos(~k · ~x
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Plasma Waves at Low Beta
Alfven wave

fast magnetosonic
wave

slow magnetosonic
wave

magnetic pressure

thermal pressure

magnetic
field lines

magnetic tension

w = kk vA
undamped

w = kvA
weakly damped

w = kk cs
strongly damped

How Do These Waves Cascade at Low Beta?
kk
i /vA

parallel cascade of slow waves
(shock steepening)

ion-cyclotron waves,
whistler waves
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Alfven waves and
fast waves
(Chandran 2005, 2008)

energy
input

quasi-isotropoic cascade
of fast wave energy
(Cho & Lazarian 2003)

quasi-perpendicular cascade
of Alfven-wave and slow-wave energy
(e.g., Shebalin et al 1983, Goldreich & Sridhar 1995)
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Which of these Energy Channels are Important?

•

To answer this question, we will need to consider the
physics of wave launching by the Sun, and also the
different ways that each wave mode is damped.

The Solar Atmosphere and Interior
• 1 solar radius is
about 7x105 km

• the thickness of the
chromosphere is
about 2x103 km

• the Alfven speed

increases by a factor
of about 10 through
the narrow “transition
region” between the
chromosphere and
corona.

(NASA)

Total Internal Reflection of Fast Waves
(Hollweg 1978)
• View the chromosphere locally as a slab.
• Cartesian coordinates, with z in the radial
direction.
• As fast waves propagate
from the chromosphere
q
to the corona, kx2 + ky2 = constant.
(NASA)

q
• ! = kvA = vA kx2 + ky2 + kz2 = constant
• As vA increases, kz decreases to zero,
and the wave reflects.

•

The only fast waves in the solar wind are those that are produced in situ
by linear mode coupling, nonlinear mode couplings, or instabilities.

•

Measurements indicate that the fast-wave content is very small at 1 AU

•

Slow waves and Alfven waves can propagate through the transition
region into the solar wind with only partial (non-WKB) reflection.

(Yao et al 2011, Howes et al 2012).

Key Points So Far
•

We want to explain strong perpendicular ion heating, weak
(or negative) parallel heating at r<0.6 AU (β < 1), and
electron heating that is somewhat weaker than the proton
heating.

•

The Sun presumably launches Alfven waves, fast waves,
and slow waves, and we’ve discussed how each wave
cascades.

•

Fast waves undergo total internal reflection at the transition
region.

•

Most of the wave energy flux from the Sun is carried by
either Alfven waves or slow waves.
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Resonance condition

helical particle
trajectory

Energy conservation frame

Linear Wave Damping by Resonant Particles
• Wave-particle resonance condition:
!kr kk vk = n⌦.

v?

resonant
particles

• Landau damping (LD): n = 0,
~
particles pushed by E.
• Transit-time damping (TTD): n = 0,
particles pushed by µrB.
diffusion paths

• Cyclotron damping (CD): n 6= 0.
• In the vk v? plane, resonant particles
di↵use along semi-circles centered on
~ = 0 in the
vk = !kr /kk , because r ⇥ E
wave frame. The condition E = r
in the wave frame with bounded
means that there can be no secular
energy gain in the wave frame.
• Hence, LD and TTD lead to parallel heating.
CD can lead to perpendicular heating.

(!kr ⌦)
kk

!kr
kk

vk

The Linear Damping of the MHD Cascades
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i /vA

cyclotron damping of
Alfven/ion-cyclotron waves
strong ion Landau damping of
slow waves in collisions plasmas

parallel cascade
of slow waves
transit-time damping (TTD)
of fast waves
equipartition between
Alfven waves and
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energy
input

quasi-isotropoic cascade
of fast wave energy
Landau damping of
kinetic Alfven waves
i /vA

quasi-perpendicular cascade
of Alfven-wave and slow-wave energy

k?

Alfven waves do not undergo TTD
because they do not perturb |B |.

Slow-Wave Heating Confined to Near the Sun
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•
•

Slow waves are strongly damped (i.e., within one wave period).

•

Since fast waves are reflected at the transition region, we are left
with Alfven waves as the most viable mechanism for transporting
non-thermal energy from the Sun into the solar wind.

Slow waves heat the chromosphere and low corona, but are not a
major heating mechanism in the solar wind

Alfven Waves Do Not Damp Until Reaching Scale ρi
kk
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k?

Alfven waves do not undergo TTD
because they do not perturb |B |.

Landau/Transit-Time Damping of Kinetic Alfven Waves
(e.g., Quataert 1998, Leamon et al 1999)
(Howes et al 2008)

(Howes et al 2008)
β = 0.03

• Leads to parallel heating.
• At low , it is mostly electron heating, because
1/2
for resonant particles, vk = !/kk = vA '
vtp ,
where vtp is the proton thermal speed.

Summary of Linear Wave Damping
•

Slow waves are damped so strongly that they are mostly
confined to near the Sun.

•

Slow waves may contribute substantially to the heating of
the chromosphere and low corona, but not the solar wind.

•

Alfven waves are not damped, but the Alfven wave cascade
presumably “feeds” a kinetic Alfven wave (KAW) cascade.

•

KAWs undergo Landau damping. When beta is small, this
damping leads primarily to electron heating.

•

Bottom line: in the solar wind at r < 0.3 AU, we would expect
mostly parallel electron heating, not the perpendicular ion
heating that is observed.
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Nonlinear Dissipation of Alfven-Wave Turbulence
and Kinetic-Alfven-Wave Turbulence
• Electron heating
• Intermittent heating in current sheets (Wan et al 2009)
• Via a nonlinear analog of Landau damping (Tenbarge &
Howes 2013)

• Electron heating and acceleration by reconnection
(Egedal et al 2015)

• Ion heating
• Via “pick-up heating” as ions cross the boundary of
the reconnection exhaust. (Drake et al 2009)

• “Current sheet energization” (Dimitruk et al 2004)
• Entropy cascade (Schekochihin et al 2009)
• Stochastic heating (McChesney et al 1987, Chen et al 2001,
Johnson & Cheng 2001, Chaston et al 2004, Fiksel et al 2009).

etic
e as
agned
ract
must
om-

5

10

4

(a)

103

PDF

102
101
10

De
J//E //
J.E
Je.E

-2

10-3

101

(b)
2

4
J/Jrms

6

100

0

10-1
10

(Wan et al 2012)

102

100
0

-0.0002

0

0.0002

Fraction F(n)

tion
ght)
own

10

<D e|J >/<D e>

Intermittent Heating in PIC Simulations of 2D Plasma
week ending
Kelvin-Helmholtz
Instability
R E VTurbulence
I E W L E T T E R SDriven by a9 NOVEMBER
2012

8

(c)

10-1
10-2
10

-3

Area
De

10-4
10-5
0

2

4
J/Jrms

6

8

FIG. 3 (color online). (a) PDFs of four dissipation proxies: the
electron frame dissipation measure De , the laboratory frame D,
the parallel dissipation Dk , and Je " E. (b) Conditional average
of dissipation calculated conditioning on the value of current
density. (c) Fraction of area (green squares) of the simulation
domain where the normalized current density J=Jrms is larger
than some value n, where Jrms is the rms value of J. Also shown
is the fraction of dissipation (blue triangles) contributed to the
total dissipation from those corresponding areas.
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(A color version of this figure is available in the online journal.)
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(Tenbarge & Howes 2013)

Figure 4. Measured heating of the electrons from the simulation by perpendicular wavenumber, Qe (k⊥ ) (solid), an estimate of the electron heating based
on linear wave-particle damping Qwp (k⊥ ) (dotted), and the Ohmic heating rate
Qη (k⊥ ) (dashed).
(A color version of this figure is available in the online journal.)
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(2D PIC simulation,
Egedal et al 2015)

FIG. 2: (a-c): Color contours of constant density log10 (ne ), pressure
anisotropy log10 (p∥ /p⊥ ),
and acceleration potential
eΦ∥ /Te .
Spatial locations are marked in (c) for
which f (v∥ , v⊥ ) is shown
in panels (d) to (k). The
magenta lines in (d) to (k)
mark the trapped-passing
boundaries as defined by
Eq. (13).

Nonlinear Dissipation of Alfven-Wave Turbulence
and Kinetic-Alfven-Wave Turbulence
• Electron heating
• Intermittent heating in current sheets (Wan et al 2009)
• Via a nonlinear analog of Landau damping (Tenbarge &
Howes 2013)

• Electron heating and acceleration by reconnection
(Egedal et al 2015)

• Ion heating
• Via “pick-up heating” as ions cross the boundary of
the reconnection exhaust. (Drake et al 2009)

• “Current sheet energization” (Dmitruk et al 2004)
• Entropy cascade (Schekochihin et al 2009)
• Stochastic heating (McChesney et al 1987, Chen et al 2001,
Johnson & Cheng 2001, Chaston et al 2004, Fiksel et al 2009).

Stochastic Heating by Strong Alfvén-Wave
Turbulence
kk

waves
are input
energy
input
with k?
kk

energy cascades
primarily to larger k?

k?

Because the AW frequency is = kk vA , the small-scale
AWs produced by the cascade have low frequencies
Does the dissipation of low-frequency, strong Alfven-wave
turbulence or strong KAW turbulence cause “perpendicular” ion
heating, and if so, how?

Magnetic Moment Conservation
•

If an ion’s orbit is nearly periodic in the plane perpendicular
to B, and if the frequencies of the fluctuating electric and
magnetic fields are much smaller than the ion’s cyclotron
frequency, then the ion’s magnetic moment µ is almost
exactly conserved (Kruskal 1962), where

mv2?
µ=
2B

•

Possible route to perpendicular heating from low-frequency
AW turbulence: if the gyro-scale fluctuations are large
enough, then an ion’s orbit becomes “stochastic,” and µ is
not conserved. (McChesney, Stern, & Bellan 1987; Johnson & Cheng
2001; Chen, Lin, & White 2001; Chaston et al 2003; Voitenko & Goosens 2004)

Criterion for Stochasticity in Low-β Plasmas
Let δvρ and δBρ be the rms amplitudes of the velocity and
magnetic field fluctuations at k⊥ρi ≈ 1.
Stochasticity Criterion (McChesney, Stern, & Bellan 1987; Chaston et al
2004; Chandran et al 2010):

ε ≡ δvρ / v⊥ ~ O(1)
Implies that the fractional change in an ion’s K.E. during a
single gyro-orbit is of order unity.

⇥v
vA ⇥v
For protons,
=
·
v?
v? vA

1/2

⇥B
·
B0

To achieve the heating rate in the corona, does δvρ / v⊥ need
to be = 1, or is a smaller value sufficient?

What Physical Process Energizes the Ions?
1 ⇣
H = qF +
p
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2
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•

When a particle “rolls over” a rising “potential-energy hill,” the hill
is shorter when the particle rolls up and higher when the particle
rolls down, so the particle gains kinetic energy.

Stochastic Heating by AWs, KAWs, or Strong RMHD/
KAW Turbulence
(Chandran, Li, Rogers, Quataert, & Germaschewski, ApJ, 720, 503, 2010.
Much earlier related work by, e.g., McChesney et al 1987, Karimabadi et al 1994, Chen et al
2001, Johnson & Cheng 2001, Chaston et al 2004, Fiksel et al 2009)

Particles diffuse in both space and energy. Derivation based
on phenomenological arguments at β ≲ 1 leads to:

⇣
c1 ( v⇢ ) 3
Q? =
exp
⇢

c2 ⌘
✏

Here ρ is the ion gyroradius, δvρ is the rms velocity at scale ρ,
and ε = δvρ/v⊥. The dimensionless constants c1 and c2 depend
on whether the fluctuations are waves or turbulence and on
the degree of intermittency.

Numerical Simulations of Test-Particle Protons Interacting with
Either KAWS or Strong RMHD Turbulence.
(RMHD turbulence: Xia, Perez, Chandran, & Quataert 2013)
(KAWs: Chandran, Li, Rogers, Quataert, & Germaschewski, ApJ, 720, 503, 2010)

Important Point: Stochastic Heating is
Inherently Self-Limiting at Low Beta
(Chandran 2010)

3
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• As T⊥ increases,
ε = δvρ/v⊥ decreases,
and Q⊥ decreases
as a result.

(Esser et al 1999)

Observational Test of Stochastic Proton Heating at 0.3 AU to 0.64 AU
(Bourouaine & Chandran 2013)
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•

Left panel: we evaluate an “empirical” perpendicular heating rate from the measured
values of U and T⊥(r) in Helios data for the fast solar wind (Marsch et al 1983).

•

We use Helios data to measure δBp (middle panel), set δvp = σvA δBp/B0 , and use this
value of δvp to determine the stochastic heating rate, with σ=1.19.

•

We then find the values of c1 and c2 for which Q⊥empirical = Q⊥stoch (right panel). Lower error
bar corresponds to σ=1, and upper error bar corresponds to σ=1.38.

Stochastic Heating with Parallel Ion Motion
(Chandran, Verscharen, Quataert, Kasper, Isenberg, & Bourouaine, 2013)

We Lorentz transform the fields into the frame moving with the
ion along the background magnetic field and recalculate the
stochastic heating rate at β 1, obtaining the same formula,

⇣
c1 ( v⇢ ) 3
Q? =
exp
⇢

c2 ⌘
✏

but with δvρ replaced by (χW)1/2 and ε = (χW)1/2 /v⊥, where W
is the turbulent energy per unit mass at the gyroradius scale
(see paper for more details) and

2
=
rA + 1

rA +

vk2
2
vA

!

2 vk
vA

where rA is the gyroscale Alfven ratio, and σ is the gyroscale
fractional cross helicity.

Equilibrium Ion Temperatures
(Chandran, Verscharen, Quataert, Kasper, Isenberg, & Bourouaine 2013)

We assume that stochastic heating is the only perpendicular
ion heating mechanism, and that the heating rate roughly
balances the cooling rate due to solar-wind expansion.
ε = (χW)1/2 /v⊥

texp = theat
2
r
v?
=
U
2Q?

c1 r⌦i
=✏
U

3

exp

⇣c ⌘
2

✏

This causes different ions to have approximately the same values of ε

Equilibrium Ion Temperatures, continued
(Chandran, Verscharen, Quataert, Kasper, Isenberg, & Bourouaine 2013)

Upon taking ε = (χW)1/2 /v⊥ to be the same for ions of species i
and for protons, as well as for ions with different v||, we find
that
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FIG. 2 (color). T?$ =T?p in the "kp & !v$p plane. Dashed
lines indicate (!vc$p , the speed below which the core of the
He2þ VDF should experience multiple resonance. Solid lines
indicate !vt$p , the speed beyond which only the tail of the He2þ
is heated.

hot Heþ2 , with a mean T?$ =T?p # 7. As j!v$p j rises
above !vc$p , T?$ =T?p begins to drop, as expected.
When j!v$p j exceeds !vc$p , and only a diminishing portion of the tail of the He2þ distribution can experience
strong heating, T?$ =T?p drops below 4. This is all consistent with the first and second predictions of the theory
for
enumerated above, although the drop in T =T
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Ion Temperature Profiles from Stochastic Heating
(Chandran, ApJ, 720, 548, 2010)

(for c2 = 0.15
and αi = 0.71)



mi
ai dv0
T?i =
2kB ei (L? Wi )a

2/(1 a)

⇣ c ⌘
c1 ( v⇢ ) 3
2
Q? =
exp
⇤i
⇥

Ion Heating versus Electron Heating in the Solar
Wind
•

Abbreviated results from a 1D, two-fluid (proton plus
electron), solar-wind model incorporating proton
temperature anisotropy, instabilities driven by temperature
anisotropy, and turbulent heating. (Chandran, Dennis, Quataert, &
Bale, ApJ, 743, 2011)

•

What is the relative strength of electron heating and proton
heating?

•

What is the relative strength of parallel heating and
perpendicular heating of protons?

Three Main Dissipation Processes at k⊥ρp ≈ 1
(ρp = proton gyroradius)

kk

energy cascades
primarily to larger k?

waves
are input
energy
input
with k?
kk

k?

•

because the AW energy cascade is anisotropic, and because ω=k||vA, small-scale
waves have small frequencies and do not dissipate via cyclotron damping

•

Instead, the 3 main dissipation processes are:
1. electron Landau and transit-time damping - damping rate γe
2. proton Landau and transit-time damping - damping rate γp
3. stochastic heating of protons - damping rate γs

•

total damping rate at k⊥ρp ≈ 1: γtot = γe + γp + γs

Dividing the Turbulent Heating Power Between
Qe, Q||p, and Q⊥p

kk
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are input
energy
input
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kk

energy cascades
primarily to larger k?

k?

•

The fraction of the cascade power that dissipates at k⊥ρ ≈ 1 is ≈ γtot tcasc

•

This fraction of the cascade power is divided between Qe, Q||p, and Q⊥p in
proportion to γe, γp, and γs , respectively.

•

The remaining fraction of the cascade power cascades past k⊥ρ ≈ 1 to
larger k⊥ρ and dissipates on the electrons, contributing to Qe

Temperature Anisotropy and the Partitioning of
Turbulent Heating Between Qe, Q||p, and Q⊥p
(Chandran, Dennis, Quataert, & Bale, ApJ, 743, 2011)

•

Left panel: Upper (lower) dotted curve is the mirror (oblique firehose) threshold
(Hellinger et al 2006). Dashed line is a fit to Helios data (Marsch et al 2004).

•

Right panel: at r < 1.35 Rs, stochastic heating is weak because δB/B0 is small. For 1.35
Rs < r < 185Rs, stochastic heating dominates. Parallel proton heating is weak at all r
in this solution.

A Working View of Turbulent Dissipation in the Solar Wind

•
•

Fast waves are reflected at the transition region .

•

The Alfven-wave (AW) cascade feeds a kinetic Alfven wave
(KAW) cascade.

Slow waves damped so rapidly that they heat only the
chromosphere and low corona.

•

Much of the dissipation of AW/KAW turbulence occurs
intermittently in coherent structures (current/vorticity sheets).

•

At low beta, ion heating by such coherent structures is well
approximated by the theory of stochastic heating.

•

Electron heating by such coherent structures is well
approximated by the theory of linear Landau damping, which
works because the structures are critically balanced, and
hence somewhat wave-like.

•

At beta >~ 1, ions undergo additional parallel heating from
Landau damping and transit-time damping.

Some Open Questions

•

How do slow waves damp in the low corona? Mass/charge
dependence?

•

How does KAW turbulence heat/energize electrons at sub-proton
scales? Landau damping? Something altogether different? Does the
KAW cascade feed another cascade at sub-electron scales?

•

Does low-frequency KAW turbulence lead to an ion-cyclotron instability
when a current or velocity-shear threshold is exceeded? Does this
happen in, e.g., the solar wind? (Markovskii et al 2006)

•

Is stochastic heating the correct framework for understanding
perpendicular ion heating by AW/KAW turbulence in low-beta
plasmas?

•

How is the turbulent heating power divided between particle species,
and between parallel and perpendicular heating? How does this
division depend upon beta and other plasma parameters?

•

To what extent can the dissipation of turbulence generate
superthermal tails in the electron and proton distribution functions?

Obtaining Fluid Equations from Kulsrud’s
Collisionless MHD
(Snyder, Hammett, & Dorland 1997)

1. Following Snyder et al (1997), we multiply the guiding-center
Vlasov equation by various powers of v|| and magnetic moment µ
and then integrate over v|| and µ.
2. To close the resulting set of fluid equations, we evaluate the fourthvelocity moments by approximating the proton distribution function
as a bi-Maxwellian.
3. The same general fluid equations were obtained previously in
different ways by Endeve & Leer (2001), Lie-Svendsen et al
(2001), and Ramos (2003).
4. We add terms to account for turbulent heating, wave-pressure
acceleration, and pitch-angle scattering from mirror and firehose
instabilities. For simplicity, we take the electron distribution function
to be isotropic.

Additional Assumptions
1. Fluid equations are solved within a narrow flux tube extending
radially outward from the Sun, so the model is 1D.
2. No rotation. Solar-wind outflow velocity is aligned with the
approximately radial background magnetic field.
3. Super-radial expansion of the background magnetic field:

•
•

cross-sectional area of tube: a(r) = asun (r/Rs)2 f(r)

•

B/B0 = asun/a

•

B(r) and f(r) are chosen from a Kopp-Holzer (1976) model.

f(∞) ≡ fmax = “super-radial expansion factor”

Reflection-Driven Alfven-Wave Turbulence
L? = perpendicular correlation length of AW turbulence = L?
z + = rms amplitude of outward-propagating AWs
z

p

a/a

= rms amplitude of inward-propagating AWs

Energy cascade
results from
interactions
between z+ and z-.

cd ⇢z (z + )2
cd z Ew
Q=
=
4L?
L?

( z+ >> z- )

L? (U + vA ) @vA
z =
vA
@r
The amplitude of z- is determined by a balance between
the source of z- waves (reflection) and the cascade of zwaves to small scales via interactions with z+ waves
(Dmitruk et al 2002; Chandran & Hollweg 2009)

Three Main Dissipation Processes at k⊥ρp ≈ 1
(ρp = proton gyroradius)
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•

because the AW energy cascade is anisotropic, and because ω=k||vA, small-scale
waves have small frequencies and do not dissipate via cyclotron damping

•

Instead, the 3 main dissipation processes are:
1. electron Landau and transit-time damping - damping rate γe
2. proton Landau and transit-time damping - damping rate γp
3. stochastic heating of protons - damping rate γs

•

total damping rate at k⊥ρp ≈ 1: γtot = γe + γp + γs

Landau Damping and Transit-Time Damping
(Chandran, Dennis, Quataert, & Bale, ApJ, 743, 2011)
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Stochastic Ion Heating by Low-Frequency Turbulence
• Electric-field fluctuations at scales of order the proton gyroradius
disrupt the smooth gyromotion of protons, violating the
conservation of a proton’s magnetic moment µ = (mv⊥2)/2B.

(McChesney et al 1987, Johnson & Cheng 2001, Chen, Lin, & White 2001)
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(Chandran, Li,
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Germaschewski, ApJ,
720, 503, 2010)

Dividing the Turbulent Heating Power Between
Qe, Q||p, and Q⊥p
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•

The fraction of the cascade power that dissipates at k⊥ρ ≈ 1 is ≈ γtot tcasc

•

This fraction of the cascade power is divided between Qe, Q||p, and Q⊥p in
proportion to γe, γp, and γs , respectively.

•

The remaining fraction of the cascade power cascades past k⊥ρ ≈ 1 to
larger k⊥ρ and dissipates on the electrons, contributing to Qe
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Mirror and Firehose Instabilities
Bale et al (2009)

2

•

Temperature anisotropy
in the solar wind is
bounded by the mirror
and oblique firehose
instability thresholds
(Kasper et al 2001, Hellinger
et al 2006, Bale et al 2009).

•

In our model, we
increase the proton
pitch-angle scattering
rate at locations at
which the temperature
anisotropy exceeds the
threshold for exciting
either instability (Sharma
et al 2006) .

Two-Fluid Model with Temperature Anisotropy
(Chandran, Dennis, Quataert, & Bale, ApJ, 743, 2011)

n ∂
dn
=−
(aU)
dt
a ∂r

(d/dt = ∂/∂t + v ∂/∂r)

" kB (T⊥p − T∥p ) ∂a GM⊙
dU
kB ∂ !
1 ∂E w
=−
n(Te + T∥p ) +
− 2 −
dt
ρ ∂r
mp a
∂r
r
2ρ ∂r
3 5/3 d
n kB
2
dt
d
BnkB
dt

#

T⊥p
B

$

#

Te
n2/3

$

1 ∂
= Qe −
(aqe ) + 3νpe nkB (Tp − Te )
a ∂r

& 1
1 ∂ % 2
= Q⊥p − 2
a q⊥p + νp nkB (T∥p −T⊥p )+ 2νpe nkB (Te −T⊥p )
a ∂r
3

Two-Fluid Model with Temperature Anisotropy
n3 kB d
2B2 dt

!

B2 T∥p
n2

"

q⊥p ∂a 1
1 ∂
= Q∥p −
(aq∥p )+
+ νp nkB (T⊥p −T∥p )+νpe nkB (Te −T∥p )
a ∂r
a ∂r 3

2T
2 T (T − T )
#q $
nk
nk
∂T
d
⊥p ⊥p
∥p
∥p ∂a
⊥p
⊥p
B
B
2
n
=−
+
− νp q⊥p
dt n2
mp
∂r
mp a
∂r

n4 d
B3 dt

!

B3 q∥p
n4

"

3nkB2 T∥p ∂T∥p
=−
− νp q∥p
2mp ∂r

Ew ∂
∂E w 1 ∂
+
[a(U + vA )E w ] +
(aU) = −Q
∂t
a ∂r
2a ∂r
We calculate qe by interpolating between the Spitzer heat flux at small r
and the Hollweg collisionless heat flux at large r.
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Density and Velocity Profiles

•

Left panel: Xs are from observations of white-light scattering in a polar coronal hole
(Allen 1973). Circle is from Ulysses measurements (McComas et al 2000).

•

Right panel: open box gives the range of upper limits from UVCS observations
(Esser et al 1999). Circles are Helios measurements (Bavassano et al 2000). Square is
the mean high-latitude flow speed in Ulysses measurements, scaled to r= 1 AU
(McComas et al 2000).

Temperature Profiles

•

Left panel: triangles are kinetic proton temperatures from UVCS measurements
(Esser et al 1999). Xs (squares) are Helios measurements of T||p (T⊥p) in fast wind
with 700 km/s < U < 800 km/s (Marsch et al 1982).

•

Right panel: triangles are electron temperatures from SUMER observations (Landi et
al 2008). Square is the mean electron temperature in ISEE 3 and Ulysses
measurements in fast wind with 600 km/s < U < 700 km/s (Newbury et al 1998).

Temperature Anisotropy and the Partitioning of
Turbulent Heating Between Qe, Q||p, and Q⊥p

•

Left panel: Upper (lower) dotted curve is the mirror (oblique firehose) threshold
(Hellinger et al 2006). Dashed line is a fit to Helios data (Marsch et al 2004).

•

Right panel: at r < 1.35 Rs, stochastic heating is weak because δB/B0 is small. For 1.35
Rs < r < 185Rs, stochastic heating dominates. Parallel proton heating is weak at all r
in this solution.

